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− High-resolution spectroscopy and spectropolarimetry
− Stellar spectra and atmospheres
− Chemically peculiar stars
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Outline
• Definition and classification of CP stars
• Physical mechanism responsible for the CP-star phenomenon
• Rotation and binarity of CP stars
• Incidence of CP stars

• Rotational and pulsational variability of CP stars
• Quantitative spectroscopic analysis

− Parameter determination and model atmospheres
− Chemical abundance patterns
− Non-uniform abundance distributions



Definition and classification
• Upper main sequence stars with non-solar surface chemical composition; 

chemically peculiar (CP) stars
− Spectral classification from different sources (e.g. Skiff 2014)
− Renson et al. (2009) catalogue
− Catalogues incomplete for V > 10
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Spectral classification
• Objects deviating from standard spectral type progression
• Abnormal strength of lines visible in low-resolution spectra
• Currently lack of consistent approach to classification (e.g. Ap SrCrEu=A2 SiEu)  

Harvard spectral classification work ~1890



Why do CP stars exist?
• Radiative diffusion operating in hydrodynamically stable stellar surface layers
• Such stability is found in slowly rotating intermediate-mass stars
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Unstable / mixed (convection, mass loss, fast rotation)
Stable (weak convection, no mass loss, slow rotation)



Rotation of CP stars
• Stars do no rotate as solid bodies. Rapid rotation leads to internal flows (e.g. 

meridional circulation), mixes envelope layers, counteracts radiative diffusion

2D model of fast-rotating 2 M⊙ star (Reese 2022)

• Slow rotation (Veq≲120 km/s) is a prerequisite for 
CP-star phenomenon (except λ Boo stars)
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Fig. 5.—Distributions of equatorial rotational velocities, V, for two 
samples of A2-A4 stars. The right distribution is for 242 normal class V 
stars plus 31 stars with weak 4481 lines plus three shell stars; the distribu- 
tion on the left is for 38 Ap+Am stars whose peculiar abundances are 
thought to be due to diffusion. The areas under the curves are proportional 
to their relative frequencies in the BSC. 

These three figures show consistently that whereas all the 
rapid rotators (well-mixed stars) have normal spectra or the 
accreted metal-poor material called X4481-weak, not all the 
slow rotators (relatively unmixed stars) have peculiar spectra. 
We are left with three possible explanations: ( 1 ) rotation is not 
the only criterion that determines whether a star has a normal 
or abnormal spectrum, (2) rotation is the sole criterion but 
there is a time lag, particularly in the case of tidally interacting 

Fig. 6.—Distributions of equatorial rotational velocities, V, for two 
samples of A5-F0 stars. The right distribution is for 234 normal class V 
stars plus 23 stars with weak X4481 lines; the left distribution is for 133 
Ap-f Am stars whose peculiar abundances are thought to be caused by 
diffusion. The areas under the curves are proportional to their relative fre- 
quencies in the BSC. 

binaries, between the first occurrence of a slow rotation and the 
appearance of the abundance pecuharities, or (3) we have not 
isolated all of the pecuhar stars with our MK classification. If 
we find that explanations (2) and (3) are invalid, we will be 
forced to accept explanation ( 1 ). 

3.3. Alternate Explanations for the Overlap in Rotational 
Velocity Distributions 

Let us consider the time-lag explanation first. In spectro- 
scopic binaries of relatively short periods there is a tidal in- 
teraction that gradually slows the stellar rotational velocities 
until they are synchronized with the orbital periods. For A- 
type stars (Levato 1976) that are not young, synchronization 
has occurred in essentially all binaries with periods less than 2- 
3 days, while most of those with periods less than 20 days or 
more have rotational velocities less than 120 km s-1. A related 
effect, namely, the time it takes to achieve orbital circulariza- 
tion in binaries, has received considerable attention recently 
(e.g., Goldman & Mazeh 1991 ). Although there remain large 
discrepancies between theoretical models and the observa- 
tions, the latter imply times of the order of 5 X 109 yr for a 10 
day binary. 

Among the known data in the BSC for the A0-A1 V stars 
and A4481-weak stars, there are 17 known spectroscopic bina- 
ries with periods less than 20 days and rotational velocities of 
V sin i < 100 km s-1. That already goes a long way toward 
accounting for the 29 excess sharp-fined normal stars that pro- 
duce the overlap in the rotational-velocity distributions. That 
is a minimal number because most of the fainter BSC stars lack 
sufficient published radial-velocity measures to detect all the 
binaries, let alone to determine their orbital periods. Therefore 
Abt and Willmarth are currently conducting a study of the 
fraction of short-period binaries among the sharp-lined normal 
A-type stars. 

However, this mechanism to reduce the rotational velocities 
will not explain the excess of sharp-lined normal stars for the 
simple reason that the timescale for the diffusion process to 
produce Ap and Am spectra is considerably faster than the 
timescale for the production of slow rotators. For instance, Mi- 
chaud et al. ( 1976) found that the separation of He takes 105- 
106 yr, and observations show that the Orion OBI Association 
with an age of 5 X 106 yr has Am stars (Smith 1972), as does 
the Orion Nebulae cluster (Levato & Abt 1976) with an age of 
5 X 105 yr. These should be compared with a time of the order 
of 109 yr to reduce the rotational velocities below 120 km s-1 

by tidal interactions for orbital periods of roughly 10 days. 
Thus as soon as the rotational velocity of a star in a binary has 
dropped below the 120 km s-1 limit, the star quickly develops 
the Am characteristic with the result that we should see very 
few normal spectra with rotational velocities below that limit. 

Let us turn now to the third possible explanation for the 
overlap of the rotational velocity distributions of peculiar and 
normal stars, namely, that we have failed to discover all of the 
peculiar stars in our sample. 

Among the standards (Morgan et al. 1978) at A0 are HR 
7001 = a Lyr at A0 Va and HR 5291 = a Dra at A0 III. How- 
ever the equivalent widths of their X4481 fines are 0.31 and 
0.32 A, respectively, which are considerably lower values than 
for other normal stars of those types ( see Fig. 2 ). Furthermore, 

© American Astronomical Society • Provided by the NASA Astrophysics Data System 

Abt et al. (1995, 2002)

Royer et al. (2002) found that their new calibration for
B8–F2 stars, mostly on the main sequence, gives values
about 11% higher than Slettebak et al. standards, which is
close to the above 13% for A stars. However, we have no
information as to whether or not their later work will agree
with the rotational velocities of the B and F stars in the
BSC.

3.3. The Highest Rotational Velocities of the B Stars

We are used to thinking that many of the B stars have
very broad lines, but we found only 26 stars (2.4%) with
V sin i ! 300 km s"1 and three stars (0.3%) with
V sin i ! 350 km s"1. The highest projected velocity for any
luminosity class is 410 km s"1 for HR 496 ¼ ! Per. For that
star, Slettebak (1966) derived a rotational velocity of 450
km s"1, and that is the largest rotational velocity that he
found for B stars. As he pointed out, that is 85% of the equa-
torial breakup velocity. We find only three stars having
rotational velocities greater than two-thirds of the breakup
velocities. The average rotational velocity of 130 km s"1 is
only one-quarter of the breakup velocity. Therefore,
impending breakup is not a limiting factor for the rotational
velocities of most B stars.

The results for A stars (Abt & Morrell 1995) are similar.
Only six stars (0.4%) have V sin i ! 300 km s"1, which is
70% of breakup. A rough average of 100 km s"1 for A stars
of luminosity classes III–V is only 25% of the equatorial
breakup velocity. The rotational velocities of most A stars
are not determined by impending breakup.

3.4. Ap Stars and the Bimodal Distribution in B8–B9.5
Rotational Velocities

Michaud (1980) showed that if a late B or A star has an
equatorial rotational velocity of less than about 120 km s"1,
diffusion will occur in an outer convection zone, and the at-
mosphere will become rich in some elements and depleted in
others. The abundance patterns resemble those of Ap and
Am stars. Conversely, if the star is a rapid rotator, it will
remain well mixed, and its spectrum will show a normal
composition. Abt (2000) argued that among A stars the dis-
tribution of equatorial rotational velocities can be simulated
by populations of slowly rotating abnormal stars and rap-
idly rotating normal stars. Does this apply to the late B
stars, which include many Ap stars?

We considered the 453 B8–B9.5 III, IV, or V stars of all
kinds (normal, Ap, emission line). Their values of V sin i
give a distribution that has a peak at 50 km s"1. That distri-
bution was deconvolved assuming random orientations of
axes, an assumption has been shown byAbt (2001) to be jus-

tified. The resulting distribution shown in Figure 1 is
strongly bimodal. But which stars are the Ap stars and
which are the normal ones because in deconvolving a statis-
tical distribution we loose track of individual stars?

The Ap stars are often evolved to the upper edge of the
main sequence; they often have luminosity classes of III or
IV because it takes 107 yr to form Ap(HgMn) stars and
nearly 108 yr to form Ap(SrCr) stars (Abt 1979; Hubing,
North, &Mathys 2000). They all have V sin i < 150 km s"1,
so they all fall in the left peak of Figure 1. However, that
peak contains 241 stars, and only 121 of them are Ap stars
(mostly HgMn).What are the remaining 120 stars?

Visual spectral classification does not always discover all
the abnormal stars unless the classification is done very crit-
ically. Consider the distribution of EWs of "4481 Mg ii
shown in Figure 2 for 119 B8 III–V normal and 21 B8 Ap
stars. We see in the top panel that all 27 of the Ap stars have
low values of EW, namely, less than 340 mÅ. That is consis-
tent with the results for the A stars (Abt & Morrell 1995)
where all the Ap stars have EW("4481) in the low half of
its range, namely, less than 400 mÅ. Of the remaining B
stars in Figure 2, those with V sin i > 120 km s"1 and there-
fore V > 120 km s"1 should be normal stars according to
Michaud’s criterion. For random orientation of rotational
axes and for an average V ¼ 200 km s"1, 80% should have
V sin i > 120 km s"1 and 20% should have V sin i < 120 km
s"1. If the former represents the 63 stars in the right half of

TABLE 2

Mean Projected Rotational Velocities for All Stars with Known Luminosity Classes

hV sin ii, # in theMean
(km s"1)

Type V IV III II I

B0–B2 .......... 127$ 8 (134) 84$ 10 (69) 111$ 18 (29) 62$ 21 (7) 69$ 7 (23)
B3–B5 .......... 108$ 8 (106) 94$ 12 (43) 116$ 19 (25) 65$ 34 (5) 38$ 2 (8)
B6–B8 .......... 152$ 8 (128) 120$ 14 (36) 74$ 6 (105) 36$ 9 (8) 52$ 10 (6)
B9–B9.5 ....... 134$ 7 (145) 99$ 14 (30) 77$ 8 (70) 20$ 0 (3) 26$ 2 (5)

Note.—Numbers in parentheses are numbers of stars represented in the means.

Fig. 1.—For 453 B8–B9.5 III, IV, and V stars we have deconvolved the
distribution inV sin i into this one inV.
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Rotation of CP stars
• Stars do no rotate as solid bodies. Rapid rotation leads to internal flows (e.g. 

meridional circulation), mixes envelope layers, counteracts radiative diffusion

• Slow rotation (Veq≲120 km/s) is a prerequisite for 
CP-star phenomenon (except λ Boo stars)

− Am and HgMn stars: loss of angular momentum due to 
orbital synchronization in close binaries

− ApBp stars: loss of angular momentum due to star-disk-
wind magnetic interaction

2D model of fast-rotating 2 M⊙ star (Reese 2022)



Binarity of CP stars
• Different observed binary incidence for magnetic and non-magnetic CP stars

Schneider et al. (2019)

− Low incidence of close (Porb<10 d) binaries among 
ApBp stars; SB2 and EB systems are rare; normal 
incidence of wide binaries
o Magnetic field is generated in binary mergers
o Protostellar cloud fragmentation is impeded by 

primordial field

− High incidence of close binaries among Am and 
HgMn stars; SB2 and EB systems are common; 
normal incidence of wide binaries
o Stellar rotation is slowed down due to binary 

interaction

Duffin et al. (2009)



Incidence of CP stars
• Depends on spectral type. Up to 20-25% for all CP classes combined
• ≤10% for magnetic CP (ApBp) stars
• All slowly rotating A and B stars are chemically peculiar

Am stars in LAMOST DR5 (Qin et al. 2019)

mCP stars within 100 pc I 2319

Figure 16. Comparison of Teff values derived in this study with those
derived by Kochukhov & Bagnulo (2006) (top) and Hubrig et al. (2007)
(bottom).

have not been confirmed or rejected as mCP members within this
mass bin. Applying this estimation to the mass distribution shown
in Fig. 17 yields an increase of 8 and 2 stars to the two smallest
mass bins; the higher mass bins are unaffected.

The incidence rate of mCP stars as a function of mass can be
derived using the masses of both the mCP and non-mCP stars within
the sample; this is shown in Fig. 17 (bottom). We find that the
fractional incidence increases monotonically from 0.3 ± 0.1 per cent
at M < 1.8 M! to approximately 11 per cent at 3.4 < M/M! <

3.8. As shown in Fig. 17, correcting for completeness increases the
estimated incidence rate in the two smallest mass bins to 0.8 per cent
and 0.3 per cent, respectively, while the changes to the higher mass
bins are negligible.

As discussed in Section 5.4, the metallicities of the mCP stars
cannot be confidently determined and, as a result, a relatively large
uncertainty is adopted based on the solar neighbourhood (Z =
0.014 ± 0.009; see Section 5.4). Accounting for this σ Z, we find
that the uncertainties in mass exhibit median and maximum values

Figure 17. Top: Distribution of masses of the mCP stars in the sample (red
hatched). Correcting for completeness yields the black dashed distribution.
Bottom: Incidence rate of mCP stars with respect to stellar mass. The large
uncertainty associated with the highest mass bin (5 < M/M! < 5.4) is
due to the fact that it contains only three stars. Correcting for completeness
increases the incidence rates of the first two bins, as indicated by the black
dashed distribution.

of 0.15 and 0.37 M!, respectively (4 and 10 per cent of the sample’s
mass range of 1.4 ≤ M/M! ≤ 5). Therefore, we conclude that the
properties of both the mCP mass distribution and the fractional in-
cidence rate of mCP stars as a function of mass presented here are
likely robust.

6.3 Evolutionary state

Unlike the distribution of masses presented in Section 6.2, the abso-
lute ages (tage) and fractional MS ages (τ ) derived using theoretical
evolutionary tracks vary significantly depending on the adopted
metallicity. Furthermore, the uncertainties in tage and τ are signif-
icantly larger for those stars positioned closer to the TAMS com-
pared to the ZAMS as a result of their more rapid evolution (e.g.
Kochukhov & Bagnulo 2006; Landstreet et al. 2007). These prop-
erties are reflected in the large uncertainties derived in Section 5.4.

In Fig. 18 (top), we show the mCP subsample’s distribution of τ .
The distribution is found to peak near the middle of the MS band at
approximately τ = 0.7. This is consistent with the τ distributions
of mCP stars with M < 3 M! reported by KB2006 and HNS2007.
These two studies also identified differences in the low-mass (M <

3 M!) and high-mass (M ≥ 3 M!) τ distributions; only 7 mCP stars
in our sample have M ≥ 3 M! and so their τ distribution cannot be
meaningfully compared with these results.

MNRAS 483, 2300–2324 (2019)
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Magnetic CP stars within 100 pc (Sikora et al. 2019)

2316 J. Sikora et al.

Figure 12. The final fit to the observed photometry (filled red circles) of the SB2 system HD 109026. The left-hand panel shows the optical photometry
(Johnson, Geneva, and Strömgren), while the right-hand panel shows the 2MASS photometry. The solid black, dashed red, and dot–dashed blue lines correspond
to the total, primary component, and secondary (magnetic) component synthetic SEDs. The black ‘X’ symbols correspond to the total synthetic flux of each
photometric filter.

Figure 13. The final fits to the observed H γ (left) and H β (right) profiles (black curves) of the SB2 system HD 109026. The dashed blue, dot–dashed yellow,
and solid red curves correspond to the primary, secondary (magnetic), and composite model spectra.

Figure 14. Theoretical HRD of the sample of non-mCP stars (grey points),
the confirmed mCP stars (blue filled circles), and the candidate mCP stars
(blue open circles). The black and red dash–dotted curves correspond to
the solar metallicity low- and high-mass evolutionary tracks computed by
Mowlavi et al. (2012) and Ekström et al. (2012), respectively.

derived by fitting the Balmer lines is found to be inaccurate, Teff

may also be inaccurate despite having obtained a high-quality fit.
In order to assess the accuracy of the spectroscopically derived
log g values (referred to as the spectroscopic log g) and therefore of
the derived Teff values, we compare with the log g values derived
from the masses and radii associated with each star’s position on
the theoretical HRD (referred to as the HRD log g). We derived
spectroscopic surface gravities for 42 of the confirmed mCP stars
in the sample and compare these with the HRD log g values; the
comparison is shown in Fig. 15.

Thirty-seven out of the forty-two (88 per cent) spectroscopic
log g values are in agreement with the HRD surface gravities within
their uncertainties. The discrepancies between the five stars whose
spectroscopic and HRD log g values are not in agreement range
from 7 to 21 per cent. The overall agreement that was yielded by the
analysis is to be expected considering the large uncertainties in the
spectroscopic log g values. This is particularly true of the cooler stars
having Teff ! 10 000 K, which exhibit median log g uncertainties "
1 – more than twice that of the hotter stars (Teff > 10 000K) for
which the median uncertainty is 0.5. The increase in spectroscopic
log g uncertainties with decreasing Teff reflects a decrease in the
sensitivity of the Balmer line profiles to changes in log g.

It is apparent from Fig. 15 that the spectroscopic log g values
are systematically smaller than the HRD log g values. There are
a number of possible explanations for this discrepancy. It could
be related to the choice of evolutionary model grids: if the stars
exhibit a metallicity that is systematically higher or lower than the
adopted solar value, the HRD log g will be affected. Furthermore,

MNRAS 483, 2300–2324 (2019)
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Rotational variability
• Surface spots of chemical elements => rotational modulation of photometry, flux 

distributions, line intensities and profiles
− Magnetic CP stars (𝛼2 CVn variables): high-amplitude variability due to stable spots;

Prot is typically a few days but can be up to ∼100 years

Rotational properties of mCP stars 2747

stars must lose a significant amount of their initial AM in the PMS
phase of evolution. More recently, a study of the PMS progenitors
of the mCP stars (Alecian et al. 2013) suggests that all the AM loss
is indeed completed at very early evolutionary stages.

In their thorough investigation into the evolutionary status of
mCP stars, Kochukhov & Bagnulo (2006) studied the relation of
rotation period and surface gravity and provided evidence that older
stars rotate more slowly. It was found that, for the more massive
mCP stars (M ≥ 3.0 M"), no evidence exists for significant changes
in AM during the MS lifetime – the observed correlation of period
and age is fully explained by loss of inertia due to stellar evolution.
The situation was less clear for the lower mass mCP stars. While no
results were found for the mass regime M ≤ 2.0 M", the authors do
not rule out that mCP stars in the mass range 2.0 M"≤ M ≤ 3.0 M"
might have undergone AM loss during the MS phase.

2 C O M P I L AT I O N O F T H E SA M P L E

New or improved data on the rotational periods of mCP stars have
appeared recently in the literature, which allow the investigation
of an unprecedentedly large sample of stars with known rotational
periods. In the following, a short overview over the sources is given,
from which rotational periods of our programme stars were drawn.

As a first step, the catalogue of mCP star periods compiled by
Renson & Catalano (2001) and the International Variable Star Index
of the AAVSO (VSX; Watson 2006) were searched for data on
rotational periods. The latter compilation incorporates the data of
the General Catalogue of Variable Stars (Samus et al. 2010) and is
the most up-to-date source on variable star data. In addition to that,
periods were drawn from Wraight et al. (2012), who analysed the
light curves of a large sample of mCP stars using data obtained with
the STEREO spacecraft. About 80 ACV variables were identified in
this way.

The All Sky Automated Survey (ASAS) is a project that aims
at continuous photometric monitoring of the whole sky, with the
ultimate goal of detecting and investigating any kind of photomet-
ric variability (Pojmański 2002). Employing data from the third
phase of the ASAS project (ASAS-3), Bernhard et al. (2015b) and
Hümmerich, Paunzen & Bernhard (2016) investigated known or
suspected mCP stars from the Renson & Manfroid (2009) cata-
logue. In total, 673 bona-fide ACV variables and candidates were
identified. Likewise, Bernhard, Hümmerich & Paunzen (2015a)
used publicly available data from the SuperWASP survey, which
resulted in the discovery of an additional 80 new ACV variables.
These results were also incorporated into the present investigation.

In the case of objects with multiple entries in any of the afore-
mentioned sources, we have adopted the most recent results. In this
way, periods were compiled for more than 1300 stars in total.

As next step, we searched for parallax measurements in the
Hipparcos catalogue (van Leeuwen 2007) and the recent Data
Release 1 of the Gaia satellite mission (Gaia Collaboration
et al. 2016a,b). Parallaxes with an accuracy better than 25 per cent
were retrieved for about 880 objects, and the more accurate paral-
lax was adopted if measurements were available in both data sets.
Furthermore, we queried for photometric data that allow an esti-
mate of effective temperature (see Section 3). The validity of the
mCP classification of our programme stars was investigated by em-
ploying the MK spectral types listed by Skiff (2014), photometric
peculiarity indices in the !a and Geneva systems (Paunzen, Stütz
& Maitzen 2005) and additional information such as measurements
of the magnetic field strength. Objects whose status as mCP stars
is uncertain were excluded. Likewise, we decided against intro-

Table 1. Period sources and number of period values taken from each
source.

Source #period values

Period compilation (Renson & Catalano 2001) 201
VSX (Watson 2006) 67
STEREO (Wraight et al. 2012) 51
ASAS-3 (Bernhard et al. 2015b) 98
WASP (Bernhard et al. 2015a) 11
ASAS-3 (Hümmerich et al. 2016) 92
Number of stars in the sample 520

Figure 1. Distribution of rotational periods. The grey area represents the
complete sample of about 1300 stars; the solid line denotes the distribution
in our final sample of 520 stars.

ducing correction terms for known spectroscopic binary systems
and dropped these objects from our sample. However, the lack of
appropriate photometric data has been the main limiting factor re-
sponsible for reducing our final sample to 492 CP2 and 28 CP4
stars.

Table 1 provides an overview over the employed period sources
and the number of period values for the stars that entered the final
sample. Fig. 1 shows the distribution of rotational periods in the
original starting sample of about 1300 stars and in the final one. Both
agree well, assuring that the selection process does not introduce a
significant bias in the distribution.

3 D E T E R M I NAT I O N O F A S T RO P H Y S I C A L
PA R A M E T E R S

Spectroscopic effective temperatures are only available for a
small number of mCP stars (Netopil et al. 2008), thus we had
to fall back on photometric data to derive this parameter. We
queried ‘The General Catalogue of Photometric Data’2, Mer-
milliod, Mermilliod & Hauck (1997) and Paunzen (2015) for
measurements in three photometric systems (UB V, Strömgren–
Crawford uvbyH β and Geneva) which allow the calibration of
effective temperature for mCP stars (Netopil et al. 2008). For
B-type stars, the majority of objects in our sample, all systems
provide an estimate of interstellar reddening (see overview by

2 http://gcpd.physics.muni.cz/

MNRAS 468, 2745–2756 (2017)
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After a Fourier transform in the high-frequency range, we
have found a principal pulsation frequency at 95.264 day−1,
which is not fully resolved, as can be seen in Figure 10 (right
panel). To get an optimized result of frequencies, linear
and nonlinear least squares fits are used after removing
rotation and other low-frequency signals. Since the gaps in
TESS data make it difficult to determine the rotation period,
we use the rotation period (P = 26.36 days) and the epoch
(BJD = 2454059.3) given by Bernhard et al. (2020) to set
the zero-point time to be t0 = BJD 2458803.96, which is also
near the middle time of the observed data. The results of the
frequency analysis are listed in Table 2. A pre-whitening
process leads to one side lobe being separated from the main

frequency due to the rotation frequency, hence suggesting
oblique pulsation. However, given the resolution limitation,
this result is not robust. A longer time span of data is needed
to confirm the rotation frequency.

Figure 9. The phase-folded light curves of new rotational variable stars. The TIC IDs and periods are shown in each title.

Figure 10. Periodogram of TIC 21024812 in the low- and high-frequency ranges.

Table 2
Nonlinear Least Squares Fit of the Frequency Multiplets for TIC 21024812

Frequency Amplitude Phase
(day−1) (mmag) (radians)

ν1 95.263 ± 0.002 0.038 ± 0.003 2.37 ± 0.10
ν2 95.311 ± 0.002 0.036 ± 0.003 1.65 ± 0.10

Note. The zero-point for the phases is t0 = BJD 2458803.96.

8

The Astrophysical Journal, 943:147 (12pp), 2023 February 1 Shi et al.

TESS photometry of mCP stars from LAMOST DR9 
catalogue (Shi et al. 2023)

Relative EW variation of Cl and 
Cr lines in 𝛼2 CVn (Kochukhov & 
Ryabchikova 2018)

2794 O. Kochukhov and T. A. Ryabchikova

Figure 8. Variation of the mean longitudinal magnetic field (upper panel)
and relative equivalent widths (lower panel) of Cl (circles) and Cr (squares)
lines in the spectrum of the prototypical Ap star α2 CVn.

accumulation at any depth should occur according to either equilib-
rium or time-dependent version of the atomic diffusion theory.

Let us emphasize that this tension between theoretical predic-
tions and observations is not engendered by the recent DI results.
Surface mapping based on the inverse problem solution is only one
(through the most detailed and ambitious) among many techniques
of obtaining spatial information concerning the chemical spot lo-
cations. Other, simpler and more direct, techniques have been ex-
tensively used in the past to infer spot properties for many ApBp
stars. One can find numerous examples of historic Ap-star stud-
ies which discussed element spot locations relative to the magnetic
field geometry with the help of comparison of the phase curves of
radial velocity and equivalent widths of spectral lines, on the one
hand, and the longitudinal magnetic field variation, on the other
hand (e.g. Stibbs 1950; Pyper 1969; Mégessier 1975; Mathys 1991;
Polosukhina et al. 1999). These straightforward analyses unam-
biguously demonstrate the ubiquitous presence of multiple groups
of variable lines with different, sometimes antiphase, rotational vari-
ations. A typical example of this behaviour is illustrated in Fig. 8,
where we compare the longitudinal magnetic field measurements
by Silvester et al. (2012) for the prototypical Ap star α2 CVn with
the equivalent width variation of Cl and Cr lines employed for the
DI mapping of this star by Silvester et al. (2014). These curves
make it abundantly clear that the surface distributions of these two
chemical elements cannot be the same. In this case, it is evident

that the Cl distribution must be dominated by a single, large spot
coinciding with the negative magnetic pole of the star, fully in line
with the DI results published by Silvester et al. (2014).

To conclude, our evaluation of the time-dependent atomic
diffusion calculations by SA16 demonstrates two major weak-
nesses of their model. First, their calculations fail to produce
mean abundance accumulation compatible with large Fe-peak el-
ement overabundances observed in late-B and early-A magnetic
ApBp stars. Second, the prediction of similar horizontal abundance
distributions, with accumulation at the magnetic equator for all ele-
ments, stands in fundamental conflict with the well-established di-
versity of the surface abundance structures in ApBp stars. It appears
that, despite notable advances in the numerical treatment of polar-
ized radiative transfer and its coupling with the atomic diffusion
processes in a magnetized stellar atmosphere, the time-dependent
diffusion model by SA16 does not reach the level of realism neces-
sary for interpretation of observations of real stars.
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Rotational variability
• Surface spots of chemical elements => rotational modulation of photometry, flux 

distributions, line intensities and profiles
− HgMn, PGA stars: low-amplitude variability due to evolving spots
− Am, λ Boo stars: no systematic evidence of rotational variability

Variability of HgMn stars 5331

Figure 2. Examples of HgMn stars showing clear rotational variability. For each target, the left-hand panels show a section of the TESS light curve (points) to-
gether with the harmonic model fit (solid line). The right-hand panels show the associated periodogram with significant frequencies identified by short vertical bars.

In this study, we were able to detect photometric variability
compatible with rotational modulation for 55 target stars. For 44 of
them a single low-frequency peak, often accompanied by harmonics,
dominated the GLS periodogram. Representative examples of such

photometric behaviour, corresponding to a range of light-curve
complexity and variability periods, are presented in Fig. 2. We assign
these targets to the group exhibiting definite rotational modulation
(identified by ‘ROT’ in Table A1). For 11 other stars with low am-
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Variability of HgMn stars 5331

Figure 2. Examples of HgMn stars showing clear rotational variability. For each target, the left-hand panels show a section of the TESS light curve (points) to-
gether with the harmonic model fit (solid line). The right-hand panels show the associated periodogram with significant frequencies identified by short vertical bars.

In this study, we were able to detect photometric variability
compatible with rotational modulation for 55 target stars. For 44 of
them a single low-frequency peak, often accompanied by harmonics,
dominated the GLS periodogram. Representative examples of such

photometric behaviour, corresponding to a range of light-curve
complexity and variability periods, are presented in Fig. 2. We assign
these targets to the group exhibiting definite rotational modulation
(identified by ‘ROT’ in Table A1). For 11 other stars with low am-
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TESS photometry of HgMn stars (Kochukhov et al. 2021)
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Figure 1 The Hg II 398.4 nm line-strength variation over the rotation cycle of ↵ And. a, Equivalent-width measurements with 1� error bars for five different epochs as a
function of rotation phase. b, A third-order Fourier fit to the line-strength variation in years 1998, 2002 and 2004. The width of the curves corresponds to a 2� (95%
confidence level) uncertainty of the approximating function. The significant discrepancy of the curves in the 0.3–0.7 rotational phase interval demonstrates that the surface
distribution of mercury, responsible for the Hg II line variability, is undergoing a slow evolution.
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Figure 2 Distribution of the Hg clouds over the surface of ↵ And in 1998, 2002 and 2004. a, The Hammer–Aitoff projection of the 2D Hg maps reconstructed with Doppler
imaging. The dotted curves are lines of constant longitude and latitude, plotted every 30� . The longitude increases from left to right, covering the range of 0�–360� . Darker
regions represent higher element abundance. The Hg concentration is given relative to the solar value: [Hg] = log(NHg/NH )� log(NHg/NH )�, where log(NHg/NH )� = �10.87
(ref. 26) and NHg,H denote the number densities of Hg and H. b, The Hg difference maps showing the variation of the mercury surface distribution from one epoch to another.

modulation reaches 40%. The overall shape of the line-strength
curve is stable over the period of seven years, but a notable change
from one epoch to another is detected close to the rotation phase
0.5, corresponding to the maximum in equivalent width. Fourier
analysis (Fig. 1b) of the Hg ii equivalent-width curves constructed
for the three epochs with complete coverage of the rotation cycle
shows that the discrepancy in the line-strength behaviour observed
for diVerent epochs is highly significant (>99% confidence level). A
complementary investigation of the Hg ii line-profile morphology
(see Supplementary Information, Fig. S1) confirms that the
observed modification of the equivalent-width curve corresponds
to a real change in the line-profile variability pattern. We attribute
this secular variation of the Hg ii 398.4 nm line-strength curve to a
long-term evolution of the Hg spot structure in ↵ And.

To obtain a complete picture of the Hg spot dynamics in
↵ And, we applied a Doppler imaging procedure8 to the subsets
of the Hg ii 398.4 nm spectrograms collected in 1998, 2002

and 2004. This enabled us to construct a series of 2D maps of
the stellar surface, giving insight into the evolution of the Hg
inhomogeneities. The three independently reconstructed mercury
maps are presented in Fig. 2a. The common feature of these images
is a significant pole-to-equator gradient in chemical abundance.
The mercury concentration at the rotation poles of ↵ And exceeds
the solar abundance of this element by a factor of 250, whereas the
typical overabundance in the equatorial region is 2.5⇥106. Several
large (30�–60�) mercury clouds at low and intermediate latitudes
distort the axisymmetric pattern, leading to the observed rotational
modulation of the Hg ii line. The structure of the mercury clouds
clearly changes on a timescale of 2–4 years (Fig. 2b). In particular, a
comparison of the year-1998 map with the abundance distributions
derived for years 2002 and 2004 shows the emergence of a new large
Hg spot at longitude ⇡250�. At the same time, the concentration of
mercury has decreased around longitude 330�. The amplitude of
these abundance variations reaches a factor of 100 in some surface
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Hg II EW variation in 𝛼 And 
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Pulsational variability and asteroseismology
• HgMn and hot mCP stars: occasionally pulsate in g-modes (SPB); interior 

abundances and magnetic field from magneto-asteroseismology
• Am stars: p-mode 𝛿 Scuti and g-mode 𝛾 Dor pulsations; predicted not to pulsate
• Cool mCP stars: global p-mode pulsations shaped by magnetic field (rapidly 

oscillating Ap stars); solar-like asteroseismic analysis, atmospheric tomography
Pulsation versus metallicism in Am stars 2665

However, inspection of the WASP results suggests that 4 d−1 might
be a better choice, as this corresponds to the minimum in the number
of pulsators between the frequency domains where the two types
mostly occur. Theory predicts that γ Dor stars rotating with 50 per
cent of the critical velocity can have modes up to 6 d−1 (Bouabid
et al. 2013). Nevertheless, while the choice of cutoff frequency is
rather arbitrary, this study is concentrating on slow to moderately
rotating stars, where Bouabid et al. (2013) predict a cutoff closer
to 4 d−1. An arbitrary upper amplitude limit for both δ Sct and γ

Dor stars was chosen, again by inspection of the WASP results, to
be 60 mmag. Fig. 3 suggests that the location of Am pulsators does
not appear to be different to that of the other A stars. There are
several high-amplitude, low-frequency pulsators found which show
the characteristics of RR Lyr stars (labelled ‘RRL’ in Table 1), plus
a small group of higher amplitude δ Sct stars (see Section 3.2).

To investigate the influence of atmospheric parameters on the
pulsations, we further selected only those stars for which Teff and
log g had been determined by LAMOST. Approximately 90 per cent
of the original sample have stellar parameters, which reduced the
number in the final sample to 9219, with 808 of them being Am stars.
The uncertainties in Teff and log g have average values of ±135 K
and ±0.43 dex, respectively. The quoted uncertainty in log g could
possibly be overestimated as it is much larger than the scatter in the
values in the current sample. In addition, the quoted uncertainties
could be larger due to the presence of binary systems. This will
mostly affect systems with moderately dissimilar components and
modest brightness ratios, since for nearly equal stars and those with
large brightness ratios the effect will be minimal.

The location of Am and the other A stars in the Teff–log g plane is
shown in Fig. 4. The pulsating Am stars are mostly located within
the temperature range 6900 < Teff < 7600 K, which is towards the
red edge of the δ Sct instability strip. Note that this region is also
dominated by the classical Am stars. At higher temperatures, the
decline in pulsating Am stars appears to occur around the blue edge
of the γ Dor instability strip, but this could be coincidence. In
contrast, the other A star population of δ Sct pulsators extends to
much hotter temperatures.

3.1 γ Dor pulsations

There are relatively few γ Dor Am pulsators in the WASP sample.
With the exception of one possibly misclassified star, they are all to
be found within the ground-based γ Dor instability strip. This region
also contains the majority of the δ Sct Am stars, which suggests that
they are probably hybrids (see Section 4.3). However, it is not clear
whether the low numbers are related purely to temperature, or if
there is interplay between peculiarity and g-mode pulsation. The
incidence of Am stars exhibiting γ Dor pulsations is roughly half
that of the other A stars. However, the lack of many γ Dor Am
pulsators is consistent with the relative low number of Am stars in
the region where pure g-mode γ Dor pulsators predominately occur.
The convective envelopes of γ Dor stars are, on average, deeper than
those of δ Sct stars and mixing by convective motions causes the
peculiarities to vanish. The γ Dor pulsators have frequencies in
the range where WASP data are most significantly affected by the
diurnal sampling. Therefore, we will not consider these stars any
further in the current work.

3.2 Higher amplitude pulsations

As mentioned earlier, we identified a small group of δ Sct stars with
amplitudes >60 mmag. In the temperature range 6900 < Teff <

Figure 4. Temperature–gravity diagrams showing the location of Am stars
(top panel) and other A stars (bottom panel) in the LAMOST-WASP sample.
The location of the identified δ Sct and γ Dor pulsators is also shown. The
locations of the ground-based δ Sct (solid line; Rodrı́guez & Breger 2001)
and γ Dor (dotted line; Handler & Shobbrook 2002) instability strips are
shown, together with the ZAMS (near-horizontal solid line).

7600 K there are only 10 of these stars, but none of them have been
classified as Am stars. Randomly picking 10 stars from the WASP
sample, using the hypergeometric probability distribution (Spiegel,
Schiller & Srinivasan 2001), predicts an average of 1.8 ± 1.2 Am
stars being selected and the probability of not picking any Am stars
is 14 per cent. It is, therefore, possible that the lack of Am stars in
this small group could be due to a sampling effect. Indeed, the lack
of any such stars in the Debosscher et al. (2011) results presented
in the bottom panel of Fig. 3 shows that these are not common
among the δ Sct stars in general. However, we cannot exclude the
possibility that there are no Am stars in this region due to physical
mechanisms preventing either the peculiarities or the oscillations
from occurring.

Most RR Lyr stars have Teff < 6900 K and are therefore too cool
to be considered in the discussion of Am stars. In the WASP sample
of RR Lyr stars there are only four hotter than 6900 K. There is
one Am candidate found in the RR Lyr domain, AL CMi, but it has
no LAMOST stellar parameters. Literature broad-band photometry
of this star suggests that Teff " 7000 K, putting this star within the
realm of the Am stars. Layden (1994) determined a metallicity of

MNRAS 465, 2662–2670 (2017)

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article/465/3/2662/2454762 by guest on 23 Septem
ber 2023

Pulsating and constant Am 
stars (Smalley et al. 2017)

Spectroscopic pulsational variability of 
a roAp star (Kochukhov et al. 2007)Typical light curve of a roAp star



Atmospheric parameters and structure

• SED and atmospheric 
structure are modified by 
the flux redistribution from 
UV to optical and NIR

• Am and HgMn stars: small 
effect; normal methods and 
calibrations are applicable

• mCP stars: large effect; 
individual abundances are 
required for model-based 
stellar parameter 
determination; CP-star 
specific empirical 
calibrations for Teff, log g, …

mCP star toolbox:
Theoretical: LLmodels code (Shulyak et al. 2004, Khan & Shulyak 2006)
Empirical: Teff calibrations (Landstreet et al. 2007, Netopil et al. 2008)



Abundance analyses of Am stars
• Am stars: +0.5:+1.0 dex for Fe-peak, Sr-Zr, 

REEs, -0.5:-1.0 dex for CNO, Ca, Sc
− Detailed diffusion theory predictions
− Mild version of Am peculiarity: marginal 

Am (Am:), superficially normal

Statistical analysis of CP stars 2955

Figure 1. Abundances for the three CP Types in the present compilation versus atomic number. Abundances (ε) are the logarithm of the abundances divided
by the solar AGS09 ones, the zero line corresponds to solar abundances. In the HgMn panel, the squares are abundances of the horizontal-branch star Feige 86.

Nitrogen [7] and oxygen [8] are less deficient, respectively, in
HgMn and ApBp stars than in Smith’s outcome. Fluorine [9] and
neon [10] abundances are absent from Smith’s compilation. From
the literature, we have found only one fluorine abundance value for
the well-known 21 Com Ap star (see Monier & Megessier 1990, for
more details), which is not the case for neon. It is mostly normal in
HgMn stars, just a few HgMn stars shows neon underabundances
in their atmospheres. Neon overabundance, which reaches up to

0.7 dex, is measured in 3 ApBp stars (see Monier & Megessier
1990; Folsom et al. 2007, for more details). Neon is overabundant
in two AmFm stars – HD108642 and HD108651 (see Kupka et al.
1994, the overabundance is more than 0.6 dex), and there is marginal
underabundance of neon in Am star – HD198391 (see Budaj & Iliev
2003).

In the average, sodium [11] is normal in all CP stars. There
is no ApBp or HgMn star with sodium abundance in Smith’s

MNRAS 480, 2953–2962 (2018)
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Ghazaryan et al. (2018)

G. Michaud et al.: Sirius A: turbulence or mass loss?

Fig. 3. Observed and predicted abundances on Sirius A as a function of Z, the atomic number, left in the model with turbulence calculated with
an original metallicity of 0.009 for three slightly different values of turbulence and right in the model with mass loss with an original metallicity
of 0.010 calculated with four different mass loss rates. The model name Z0.009_dY-0.02_mtb1.0 stands for a model calculated with Z0 = 0.009,
∆Y = −0.02, and ∆M0 = 1.0 × 10−6 M#. The model name MassLoss_Z0.010W2E-13 stands for a model calculated with dM/dt = −2 ×
10−13 M#/yr. All dotted lines represent models of about 200 Myr.

Fig. 4. Observed and predicted abundances on Sirius A as a function of Z, the atomic number, in the model with turbulence for two slightly different
values of original metallicity, 0.010 and 0.011, and in the model with a mass loss rate of 10−13 M#/yr and a metallicity of 0.01 (see Fig. 3 for
model labeling definitions). In the left panel, the two sets of observations are from Landstreet 2011: the black circles are from his observations
while the pink triangles are an average over all recent observations (see the text). In the right panel, the averaged values are replaced by the actual
data points of each observer as given in Table I of Landstreet (2011) where circles, Landstreet (2011); inverted open triangles, Lambert et al.
(1982); inverted three-point stars, Lemke (1990); blue squares, Qiu et al. (2001); diamonds, Hill & Landstreet (1993); asterisks, Hui Bon Hoa
et al. (1997); plus, Rentzsch-Holm (1997); upright open triangles, Holweger & Sturenburg (1993); pink squares, Sadakane & Ueta (1989). See the
text for the explanation of the differences between the error bars in the right and left panels.
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Fig. 5. Color-coded interior concentrations for the same Z0 = 0.010 models as in Fig. 4 at ∼233 Myr left in the model with turbulence and right
in the model with mass loss. The radial coordinate is the radius and its scale is linear, but the logarithmic value of the mass coordinate above a
number of points, log∆M/M∗, is shown on the left of the horizontal black line. The concentration scale is given in the right insert. Small circles
near the center of both models mark the central convection zone. While the surface abundances are very similar, as seen in Fig. 4, the interior
concentrations are quite different between log∆M/M∗ = −3 and the surface.

The actual values of the different observers listed in his Table 1
are shown in the right panel of Fig. 4. The values that Landstreet
excluded from his averages are not shown but all others are.
One can argue that the differences in the abundance values de-
termined by the various observers provide a better estimate of
the uncertainty in the abundance determinations than the mean
value with associated standard deviation shown in the left panel.
Following a discussion with Landstreet (priv. comm.), the error
bars for his points (from his column L11) were slightly increased
for the right panel of Fig. 4 only. Thus, in all cases where, in the
“L11” column of Table 1, he had 0.1, we increased this to 0.15
because this is closer to the actual dispersion found for domi-
nant ions with many lines. Noting that there is some additional
uncertainty (about 0.1 dex) because of the imprecise fundamen-
tal parameters and microturbulence, another 0.1 dex was added
in quadrature to all sigmas, giving a minimum sigma of 0.18.

In the right panel of Fig. 4, we present our comparison be-
tween theory and observations. The agreement is not perfect for
any value of turbulence or mass loss. The difference between
the mass loss and turbulent models is very small for atomic
species lighter than Cr and one may question whether abun-
dances alone can really distinguish between the two given the
error bars. Among the species included in our calculations, abun-
dances were determined observationally for 17 atomic species
and upper limits for 4. For the model Z0 = 0.010 with ∆M0 =
1.4 × 10−6 M% one counts 8 species within 1σ and an addi-
tional 6 within 2σ. These numbers are respectively 8 and 7 for
the Z0 = 0.011 model with the same turbulence. One counts
respectively 8 and 5 for the Z0 = 0.010 mass loss model with a
mass loss rate of 1.0 × 10−13 M%/yr. In addition, among the 4 up-
per limits, 3 are compatible with predictions. While the trend is
right, the agreement is not so good for Ti, Cr, and Mn.

The interior concentrations in the two Z0 = 0.01 models of
Fig. 4 are shown in Fig. 5. While the surface abundances are
quite similar in the two, the interior concentrations are quite dif-
ferent for log∆M/M∗ < −3 (see Sect. 3).

If one compares these results with Fig. 20 of Vick et al.
(2010), one notes that the same mass loss rate of 1.0 ×
10−13 M%/yr was found to lead to the prediction closest to the

observed abundances. While the age assumed for Sirius is about
the same in the two papers, the larger mass of the models used
in Vick et al. (2010) causes them to be more evolved and, so,
have a smaller gravity at a similar age. This is an important dif-
ference, when one compares two models with approximately the
same Teff and thus the same grad. Another difference comes from
the original Z0, which is 0.010 for the mass loss models of Fig. 4
of this paper, but 0.02 for those of Fig. 20 of Vick et al. (2010).

5. Conclusion

We have investigated what can be learned from the chemical
composition of Sirius A. Using observationally determined stel-
lar parameters for Sirius A we have first fixed an original metal-
licity and He mass fraction (Sect. 2). We have then predicted
the expected surface abundances as a function of either a sur-
face mass mixed by turbulence or a mass loss rate. Among the
17 abundances determined observationally, up to 15 can be pre-
dicted to within 2σ, and 3 of the 4 determined upper limits
are satisfied. The three atomic species B, N, and Na show the
strongest disagreement.

While the origin of the assumed turbulence has not been de-
termined, it could be either shear induced by differential rotation
(Talon et al. 2006) or be gravity waves (Talon & Charbonnel
1998). If the main competing process is mass loss, however,
it has the great advantage that it has been previously observed
(Bertin et al. 1995). The mass loss rate of 1.0 × 10−13 M%/yr
that best reproduces abundance observations is slightly larger
than the lower limit of 6 × 10−14 M%/yr determined from asym-
metries of Mg II lines using the ST observations of these au-
thors (see Eq. (1)). Their estimate based on corrected LTE, their
Eq. (12), however, gives a mass loss rate between 5.0× 10−12 and
5.0 × 10−11 M%/yr, which would lead to practically no surface
abundance variations during evolution, in contradiction with the
observed Sirius abundances (see Figs. 11 and 20 of Vick et al.
2010, for a calculation with 1.0 × 10−12 M%/yr). Our results then
vindicate the arguments presented above in Sect. 1 that support
their estimate based on radiative ionization fraction. While by
themselves, abundances do not favor mass loss or turbulence as

A18, page 6 of 10

Michaud et al. (2011)

Normal Am



Abundance analyses of HgMn stars
• HgMn stars: +2:+6 dex for P, Mn, Ga, Sr-

Zr, Xe, Hg, -1 dex for He
− Teff abundance trends
− Isotopic anomalies for He, Ga, Hg, Pt

Statistical analysis of CP stars 2955

Figure 1. Abundances for the three CP Types in the present compilation versus atomic number. Abundances (ε) are the logarithm of the abundances divided
by the solar AGS09 ones, the zero line corresponds to solar abundances. In the HgMn panel, the squares are abundances of the horizontal-branch star Feige 86.

Nitrogen [7] and oxygen [8] are less deficient, respectively, in
HgMn and ApBp stars than in Smith’s outcome. Fluorine [9] and
neon [10] abundances are absent from Smith’s compilation. From
the literature, we have found only one fluorine abundance value for
the well-known 21 Com Ap star (see Monier & Megessier 1990, for
more details), which is not the case for neon. It is mostly normal in
HgMn stars, just a few HgMn stars shows neon underabundances
in their atmospheres. Neon overabundance, which reaches up to

0.7 dex, is measured in 3 ApBp stars (see Monier & Megessier
1990; Folsom et al. 2007, for more details). Neon is overabundant
in two AmFm stars – HD108642 and HD108651 (see Kupka et al.
1994, the overabundance is more than 0.6 dex), and there is marginal
underabundance of neon in Am star – HD198391 (see Budaj & Iliev
2003).

In the average, sodium [11] is normal in all CP stars. There
is no ApBp or HgMn star with sodium abundance in Smith’s

MNRAS 480, 2953–2962 (2018)
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Abundance analyses of λ Boo stars
• Normal A stars which have accreted metal-depleted gas. Normal rotation rates. 

Normal CNO, underabundant heavy elements

968 U. Heiter: The abundance pattern of λBootis stars

Table 6. References for element abundances determined for λBootis stars. A: Adelman (1999), Ch: Chernyshova et al. (1998),
H: Heiter et al. (1998) and this work, K: Kamp et al. (2001), M: Martinez et al. (1998), N: North et al. (1994a,b), P: Paunzen
et al. (1999a), So: Solano et al. (2001), St: Stürenburg (1993), V: Venn & Lambert (1990). The HD numbers of spectroscopic
binaries treated as single stars in the abundance analyses are given in parentheses.

HD C N O Na Mg Al Si S Ca Sc Ti Cr Mn Fe Co Ni Zn Sr Y Zr Ba

319 St St St St St St St St St St St St
11413 St St St St St St St St St St
15165 Ch Ch Ch Ch Ch Ch Ch Ch Ch Ch Ch Ch Ch
31295 P, St K, V P, V P, V P, St

V
K, P
V

P, St
V

P, St P, St
V

P, St P, St
V

P St, V P, St

(38545) St St St St St St St St St St
74873 H H H H H H H H H H H H
75654 K So K So So So So So
81290 So So So So So So So
83041 So So So So So
84123 H H H H H H H H H H H H H H H H H H H H

84948A H H H H H H H H H H H H H
84948B H H H H H H H H H H H H H
101108 H H H H H H H H H H H H H H
105759 M M M M M
106223 H H H H H H H H H H H H H H H
107233 H H H H H H H H H, So H H H H
109738 So
110411 H H H H H, St H H H, St H, St
111005 So So

(111786) St St St St St St St St St St St St
125162 P K, V P, V V P, V P K V P P, V P P, V P V P

(141851) N N N
142703 H K H, So K H H H, So H H, So H H N H

(149303) P P P P
156954 So So So So
168740 H N H H H, So H H, So H N H
170680 H H H H

171948A H H H H H H
171948B H H H H H H

183324 H, St H, K H St H, St St St K H, St H H, St H, St H, St H, St St
192640 P, St K, V A, H
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P, St
V

A P, St K, V A, H
P, V
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V
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V

P A, H
V

A A A, H
St

193256 St St St St St St St St St St St
193281 St K St So, St St K St St St So, St St St
198160 St St St St St St St St St St
198161 St St St St St St St St St St
204041 P, St K P P, So

St
St P, St K, P P, St P, St P, So

St
P, So
St

P, So
St

P St P, St

210111 St St So, St St St So, St St So, St So, St So, St St St
221756 P K P P, St P K P P P, St P, St P, St St

Fig. 6. Mean abundances of all analysed λ Bootis stars (middle lines in grey bars), as well as highest and lowest abundances
(upper and lower limit of bars). The same for normal stars in the Hyades cluster (white bars) as well as normal field stars
(hashed bars). The number of available abundances for the λBootis and field stars is given below the element name.

Heiter (2002)

• ∼50% of Herbig AeBe stars exhibit 
λ Boo abundance patterns 

Folsom et al. (2012)

2086 C. P. Folsom et al.

Figure A2. Final abundances relative to solar for the stars in this study, as in Fig. A1.

are compared with those of Fossati et al. (2009) in Table A1, and
the differences between our abundances and those of Fossati et al.
(2009) are plotted in Fig. A25. The excellent agreement between
our results and Fossati et al. (2009) demonstrates the accuracy of
our methodology.

π Cet was observed spectropolarimetricly by Wade et al. (2007),
who did not detect a magnetic field. Alecian et al. (2012a) also

found no magnetic field in π Cet, and thus we consider the star to
be non-magnetic.

A1.2 HD 31293 (AB Aur)

We derive Teff = 9800 ± 700 K and log g = 3.9 ± 0.3 for HD 31293
(AB Aur). This Teff is consistent with Acke & Waelkens (2004), but
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Figure A1. Final abundances relative to solar for the stars in this study. Solar abundances are taken from Grevesse et al. (2005). Points marked with an arrow
represent upper limits only.

cool B star. π Cet is not a Herbig Be star by the strict definition,
since it has no strong emission in its optical spectrum. However, the
star does display an infrared excess (Malfait, Bogaert & Waelkens
1998), as well as some unexplained line profile variations (Fossati
et al. 2009), and an H–R diagram position to the right of the main
sequence. Thus the star is certainly very young, and possibly still
on the pre-main sequence, despite the lack of clear emission. Based
on the H–R diagram position of the star, it appears to be less than

0.5 Myr from the birthline, and almost certainly is less than 1 Myr
old. Malfait et al. (1998) suggested this star was a Vega-type star, a
classification which is consistent with our observations.

In order to check the accuracy of our methodology, we anal-
ysed an observation of π Cet and compared our results with the
results of Fossati et al. (2009). Our results are completely con-
sistent with those of Fossati et al. (2009), for temperature, gravity,
vsin i and abundances. Our atmospheric parameters and abundances
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Abundance analyses of magnetic CP stars
• mCP stars: largest chemical anomalies

− Abundance trends with Teff and age
− Incomplete line lists, magnetic field, 

non-uniform chemistry, …

D. Shulyak et al.: Realistic model atmosphere and revised abundances of the coolest Ap star HD 101065

Fig. 9. Observed and theoretical energy distribution of HD 101065 calculated with scaled REE opacity from ISAN line list (see text). For com-
parison purpose the theoretical energy distribution of a normal F-type star HD 49933 is also shown. All theoretical calculations are smoothed
with 20 Å Gaussian. Theoretical fluxes were scaled assuming radiuses: R = 1.98 R! for HD 49933 and Teff = 6400 K models; R = 1.90 R! for
Teff = 6500 K; R = 1.82 R! for Teff = 6600 K.
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Fig. 1. Comparison between the observed and predicted Hα line
profiles.

−2.5 (Dy), and −1.64 (Eu). These factors were applied to all
lines of the respective ions in the master line list. Then this
line list was processed by the line pre-selection procedure in
the LL code to select only those lines that contribute
non-negligibly to the total line opacity coefficient for a given
temperature-pressure distribution. Applying this line scaling
procedure allowed us to mimic the line strengths correspond to
the NLTE ionization equilibrium abundance for each REE (see
Shulyak et al. 2009, for more details).

4. Results

4.1. Adopted atmospheric parameters

We started analysis with a homogeneous abundance model cal-
culated with Teff = 6600 K, log g = 4.2, and individual abun-
dances taken from Cowley et al. (2000). Once the stratification
was introduced in the model atmosphere, the fit to the hydro-
gen Hα line and the observed photometric parameters required
decreasing of Teff of the star down to approximately 6400 K.
In total, four iterations of the abundance analysis and the model
atmosphere calculation were performed to achieve a converged
solution. The abundances from the third iteration did not intro-
duce noticeable changes in the atmospheric structure.

The effective temperature obtained in our study is identi-
cal to the Teff obtained by Kochukhov et al. (2002), who fitted
the Hα and Hβ lines using the same UVES spectra. However,
Kochukhov et al. relied on less advanced ATLAS9 model atmo-
spheres calculated using ODFs with artificially increased Fe line
absorption (Piskunov & Kupka 2001) and also attempted to em-
pirically adjust the T − τ structure of their model.

Figure 1 illustrates the observed and predicted Hα line
profiles calculated with different atmospheric models.
Unfortunately, it is impossible to infer an accurate value
of log g from the Hα profile due to low temperature of the
star and resulting poor sensitivity of the hydrogen lines to the
pressure stratification. For this reason we kept this parameter
fixed during the iterative procedure of abundance analysis
(however, see Discussion).
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Fig. 2. Chemical composition of the atmosphere of HD 101065.
Different symbols correspond to ions from I to III. Bars show abun-
dance ranges for stratified elements.

4.2. Abundance pattern

Table 4 (Online material) summarizes individual abundances of
chemical elements in the atmosphere of PS derived with the final
model atmosphere. Note the strong enrichment of REE elements
compared to the solar composition. These elements dominate the
spectrum of PS, playing a key role in the radiative energy bal-
ance (see below).

In Fig. 2 we illustrate abundance pattern of PS relative
to the recent compilation of the solar abundances (Grevesse
et al. 2007). The elements heavier than Ba exhibit an overabun-
dance by 3 dex and larger. Several REEs show clear ionization
anomaly related to stratification of these elements and departures
from LTE.

Vertical distribution of Si, Fe, Ba, and Ca is presented in
Fig. 3. This figure illustrates the difference between the initial
and final stratification as derived at the first and the last iterations
respectively. Ba seems to be the only element whose stratifica-
tion did not change appreciably during iterations. Only the posi-
tion of the abundance jump changed slightly. Fe shows a change
in the abundance in the upper atmosphere by about ∼1 dex.
The position of the abundance jump for Si changed significantly.
In contrast, the Ca abundance in the upper atmosphere changes
dramatically. These results illustrate the importance of taking
into account a feedback of stratification on the model structure.

The effect of introducing stratification on the fit to Hα line
appears to be not very strong. The maximum difference between
the stratified and non-stratified model predictions is at the level
of 1% as seen from Fig. 1. However, the two profiles are still
clearly distinguishable. Thus, chemical stratification should be
taken into account in accurate modeling of the hydrogen line
formation.

The Fe and Ba abundance distributions agree with those de-
rived previously by either trial-and-error method (Ryabchikova
2003) or based on the equivalent widths (Yushchenko et al.
2007). Figures 4−7 (Online material) illustrate the resulting fit
to line profiles.

4.3. Energy distribution and photometric colors

Unusual photometric parameters of PS clearly indicate that its
energy distribution should differ much from that of normal stars
with similar Teff. Indeed, a dense forest of REE lines obtained
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Figure 5. Dependence of Nd, Pr, Fe, and Cr abundances on the effective temperature in Ap stars
on the main sequence according to Ryabchikova and Romanovskaya data [71]. LkHa 324/B is
shown using a red filled circle with error bars. Horizontal dash lines indicate solar abundance of a
given element.

4.5. Photometric Variability and Stellar Rotation
We investigated the photometric variability of LkHa 324/B using the data from the

All-Sky Automated Survey for Supernovae (ASAS-SN) archive [72]. The light curve for the
2016–2018 period in the V filter was retrieved from the archive. Lomb–Scargle frequency
analysis of these data resulted in a well-defined peak on the periodogram, corresponding
to the P = 2.39d period (Figure 6). The peak exceeds the level corresponding to the false
alarm probability (FAP) = 0.001, which confirms the significance of the detected period. FAP
was determined using Fisher’s Randomization method [73]. The phase curve convolved
with this period is shown in the lower panel in Figure 6 and demonstrates quasi-sinusoidal
light changes with DV ⇡ 0.04 amplitude. Such variability is frequently observed in magnetic
Ap stars and is caused by the axial rotation of the star with abundance spots on the surface.
If we assume that the photometric variability of LkHa 324/B is rotationally modulated, then
for the obtained radius R = 2.3R�, the 2.39d period corresponds to the equatorial velocity
Veq ⇡ 49 km s�1, which is a factor ⇠3 lower than the typical rotational velocities of PMS
early-type stars (e.g., [74]). Thus, a low v sin i value is not due to the projection effect,
and the star is indeed a slow rotator. A comparison with the spectroscopically determined
v sin i = 24 km s�1 yielded the moderate inclination angle i ⇡ 27� of the stellar rotational axis.

Potravnov et al. (2023)J. D. Bailey et al.: Abundance variations in magnetic Ap stars
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Fig. 2. Atmospheric abundances of He, O, Mg, Si, Ti, Cr, Fe, Pr, and Nd plotted against log t. Each plot contains the solar abundance ratio for that
element (solid red line) and the best-fit linear regression (dashed blue line).

abundance through the main sequence life of magnetic Bp stars
of about 3.5 M!.

We also show for comparison the solar abundance of each
element studied (solid horizontal red line). It is clear that over-
abundance or underabundance relative to solar abundance is sys-
tematically present for all the elements studied. We discuss indi-
vidual elements below.

4.1.1. Helium

One of the defining properties of magnetic Bp stars is the fact
that they are visibly underabundant in He compared to normal
stars of the same Teff values. This is true of all of the mag-
netic Bp stars in our sample. Unexpectedly, we observe a clear
evolutionary increase in the abundance of He with stellar age.
Substantial underabundances (of the order of 2 dex compared
to the Sun) are found in stars near the ZAMS and those with
ages up to about log t ∼ 8. Older stars in our sample (nearer
the TAMS) show only modest underabundances of He, about
1−0.5 dex smaller than the solar ratio.

4.1.2. The light elements: oxygen, magnesium and silicon

Oxygen, magnesium and silicon are systematically different
from solar abundance ratios by values up to about 1 dex. No

apparent trend in abundance with age is seen in any of these
three elements. Typically, both oxygen and magnesium are un-
derabundant compared to the solar abundance ratios with a
few exceptions. For oxygen, only HD 133880 is overabundant
compared to in the Sun; this anomalous behaviour is well-
documented by Bailey et al. (2012). HD 133880 and HD 45583
have nearly solar abundances of magnesium, nearly 0.5 dex
larger than the other stars of the sample. It is not clear why these
two (very similar) Bp stars depart so far from the general be-
haviour of other stars in our sample. In general, silicon appears to
be overabundant compared to the solar abundance ratio through-
out the main sequence evolution. Moderate Si overabundance is
common for magnetic Bp stars between effective temperatures
of about 10 000 and 15 000 K.

Although there are no clear trends in abundance for any of
these three elements, all show a substantial star-to-star variations
around the mean.

4.1.3. The Fe-peak elements: Ti, Cr and Fe

All three Fe-peak elements studied here, Ti, Cr and Fe, are quite
overabundant compared to their solar ratios early in the main se-
quence phase. However, the level of excess abundance is larger
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Fig. 2. Atmospheric abundances of He, O, Mg, Si, Ti, Cr, Fe, Pr, and Nd plotted against log t. Each plot contains the solar abundance ratio for that
element (solid red line) and the best-fit linear regression (dashed blue line).

abundance through the main sequence life of magnetic Bp stars
of about 3.5 M!.

We also show for comparison the solar abundance of each
element studied (solid horizontal red line). It is clear that over-
abundance or underabundance relative to solar abundance is sys-
tematically present for all the elements studied. We discuss indi-
vidual elements below.

4.1.1. Helium

One of the defining properties of magnetic Bp stars is the fact
that they are visibly underabundant in He compared to normal
stars of the same Teff values. This is true of all of the mag-
netic Bp stars in our sample. Unexpectedly, we observe a clear
evolutionary increase in the abundance of He with stellar age.
Substantial underabundances (of the order of 2 dex compared
to the Sun) are found in stars near the ZAMS and those with
ages up to about log t ∼ 8. Older stars in our sample (nearer
the TAMS) show only modest underabundances of He, about
1−0.5 dex smaller than the solar ratio.

4.1.2. The light elements: oxygen, magnesium and silicon

Oxygen, magnesium and silicon are systematically different
from solar abundance ratios by values up to about 1 dex. No

apparent trend in abundance with age is seen in any of these
three elements. Typically, both oxygen and magnesium are un-
derabundant compared to the solar abundance ratios with a
few exceptions. For oxygen, only HD 133880 is overabundant
compared to in the Sun; this anomalous behaviour is well-
documented by Bailey et al. (2012). HD 133880 and HD 45583
have nearly solar abundances of magnesium, nearly 0.5 dex
larger than the other stars of the sample. It is not clear why these
two (very similar) Bp stars depart so far from the general be-
haviour of other stars in our sample. In general, silicon appears to
be overabundant compared to the solar abundance ratio through-
out the main sequence evolution. Moderate Si overabundance is
common for magnetic Bp stars between effective temperatures
of about 10 000 and 15 000 K.

Although there are no clear trends in abundance for any of
these three elements, all show a substantial star-to-star variations
around the mean.

4.1.3. The Fe-peak elements: Ti, Cr and Fe

All three Fe-peak elements studied here, Ti, Cr and Fe, are quite
overabundant compared to their solar ratios early in the main se-
quence phase. However, the level of excess abundance is larger
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Fig. 2. Atmospheric abundances of He, O, Mg, Si, Ti, Cr, Fe, Pr, and Nd plotted against log t. Each plot contains the solar abundance ratio for that
element (solid red line) and the best-fit linear regression (dashed blue line).

abundance through the main sequence life of magnetic Bp stars
of about 3.5 M!.

We also show for comparison the solar abundance of each
element studied (solid horizontal red line). It is clear that over-
abundance or underabundance relative to solar abundance is sys-
tematically present for all the elements studied. We discuss indi-
vidual elements below.

4.1.1. Helium

One of the defining properties of magnetic Bp stars is the fact
that they are visibly underabundant in He compared to normal
stars of the same Teff values. This is true of all of the mag-
netic Bp stars in our sample. Unexpectedly, we observe a clear
evolutionary increase in the abundance of He with stellar age.
Substantial underabundances (of the order of 2 dex compared
to the Sun) are found in stars near the ZAMS and those with
ages up to about log t ∼ 8. Older stars in our sample (nearer
the TAMS) show only modest underabundances of He, about
1−0.5 dex smaller than the solar ratio.

4.1.2. The light elements: oxygen, magnesium and silicon

Oxygen, magnesium and silicon are systematically different
from solar abundance ratios by values up to about 1 dex. No

apparent trend in abundance with age is seen in any of these
three elements. Typically, both oxygen and magnesium are un-
derabundant compared to the solar abundance ratios with a
few exceptions. For oxygen, only HD 133880 is overabundant
compared to in the Sun; this anomalous behaviour is well-
documented by Bailey et al. (2012). HD 133880 and HD 45583
have nearly solar abundances of magnesium, nearly 0.5 dex
larger than the other stars of the sample. It is not clear why these
two (very similar) Bp stars depart so far from the general be-
haviour of other stars in our sample. In general, silicon appears to
be overabundant compared to the solar abundance ratio through-
out the main sequence evolution. Moderate Si overabundance is
common for magnetic Bp stars between effective temperatures
of about 10 000 and 15 000 K.

Although there are no clear trends in abundance for any of
these three elements, all show a substantial star-to-star variations
around the mean.

4.1.3. The Fe-peak elements: Ti, Cr and Fe

All three Fe-peak elements studied here, Ti, Cr and Fe, are quite
overabundant compared to their solar ratios early in the main se-
quence phase. However, the level of excess abundance is larger
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Fig. 2. Atmospheric abundances of He, O, Mg, Si, Ti, Cr, Fe, Pr, and Nd plotted against log t. Each plot contains the solar abundance ratio for that
element (solid red line) and the best-fit linear regression (dashed blue line).

abundance through the main sequence life of magnetic Bp stars
of about 3.5 M!.

We also show for comparison the solar abundance of each
element studied (solid horizontal red line). It is clear that over-
abundance or underabundance relative to solar abundance is sys-
tematically present for all the elements studied. We discuss indi-
vidual elements below.

4.1.1. Helium

One of the defining properties of magnetic Bp stars is the fact
that they are visibly underabundant in He compared to normal
stars of the same Teff values. This is true of all of the mag-
netic Bp stars in our sample. Unexpectedly, we observe a clear
evolutionary increase in the abundance of He with stellar age.
Substantial underabundances (of the order of 2 dex compared
to the Sun) are found in stars near the ZAMS and those with
ages up to about log t ∼ 8. Older stars in our sample (nearer
the TAMS) show only modest underabundances of He, about
1−0.5 dex smaller than the solar ratio.

4.1.2. The light elements: oxygen, magnesium and silicon

Oxygen, magnesium and silicon are systematically different
from solar abundance ratios by values up to about 1 dex. No

apparent trend in abundance with age is seen in any of these
three elements. Typically, both oxygen and magnesium are un-
derabundant compared to the solar abundance ratios with a
few exceptions. For oxygen, only HD 133880 is overabundant
compared to in the Sun; this anomalous behaviour is well-
documented by Bailey et al. (2012). HD 133880 and HD 45583
have nearly solar abundances of magnesium, nearly 0.5 dex
larger than the other stars of the sample. It is not clear why these
two (very similar) Bp stars depart so far from the general be-
haviour of other stars in our sample. In general, silicon appears to
be overabundant compared to the solar abundance ratio through-
out the main sequence evolution. Moderate Si overabundance is
common for magnetic Bp stars between effective temperatures
of about 10 000 and 15 000 K.

Although there are no clear trends in abundance for any of
these three elements, all show a substantial star-to-star variations
around the mean.

4.1.3. The Fe-peak elements: Ti, Cr and Fe

All three Fe-peak elements studied here, Ti, Cr and Fe, are quite
overabundant compared to their solar ratios early in the main se-
quence phase. However, the level of excess abundance is larger
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Non-uniform chemical distributions
• Anomalous shapes and intensities of 

spectral lines => vertical composition 
gradients in line-forming regions

Shulyak et al. 
(2009)

Kochukhov 
et al. (2006)

• Rotationally modulated line profiles => 
horizontal distibution of chemical spots

Kochukhov et al. (2004)

stratified
uniform



Wider relevance for astrophysics
• CP stars as unique astrophysical laboratories. Studying a range of processes that 

are universally important but have more subtle manifestation in other stars
• Magnetohydrodynamics

− Stability and evolution of fossil magnetic fields
− Interplay between the field and mixing, pulsations, convection, rotation,…

• Testbeds for laboratory astrophysics
− Often the only available hot narrow line stars
− Line lists of heavy elements; kilonova proxies

• Stellar evolution
− Role of magnetic fields
− Precursors of magnetic WDs, magnetars


